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ABSTRACT

We present a Fisher matrix forecast for the sensitivity on the mass of a thermal warm dark
matter (WDM) particle from current (DES-like) and future (LSST-like) photometric galaxy
surveys using the galaxy angular power spectrum. We model the non-linear clustering using
a modified Halo Model proposed to account for WDM effects. We estimate that from this
observable alone a lower bound of myqy, > 647 €V (mygm > 126 €V) for the LSST (DES) case

could be obtained.

Key words: surveys—dark matter —large-scale structure of Universe.

1 INTRODUCTION

The A cold dark matter (ACDM) model, with a cosmological con-
stant (A) and CDM contributing approximately 70 per cent and
25 per cent , respectively, to the energy density budget, is the best
cosmological description of our Universe we have todate. This con-
clusion comes from a variety of observations from different probes
at different epochs. A recent example is the analysis of the first year
of data of the Dark Energy Survey using probes from galaxy cluster-
ing and weak lensing simultaneously to show the consistency of this
model even when combined with data from the cosmic microwave
background (Abbott et al. 2018).

However, it is fair to say that the nature of dark matter is still
not settled. In fact, some tensions have been found when comparing
small scales (a few Mpc down to Kpc) observations with CDM-
only numerical simulations. These tensions can be described by
three ‘problems’: the core-cusp problem, where the inner density
profile of a CDM halo in a simulation with dark matter only has
a cuspy density profile close to the centre of the halo whereas
the measured density of a galaxies has a core profile for small
radii (Diemand, Moore & Stadel 2004; Salucci et al. 2007; Swaters
et al. 2009; De Blok 2010; Oh et al. 2011); the missing satellite
problem, which arises because one observes less satellite galaxies of
our galaxy and M31 than subhaloes predicted in CDM simulations
(Klypin et al. 1999; Moore et al. 1999; Bullock 2013); and the
‘too-big-to-fail’ problem, where haloes that are massive enough
to form dwarf galaxies in simulations are not actually found in
observations, that is, the observed dwarf galaxies are less massive
than predicted (Tikhonov & Klypin 2009; Peebles & Nusser 2010;
Garrison-Kimmel et al. 2014).

* E-mail: jessica@ift.unesp.br (JSM); rosenfel @ift.unesp.br (RR);
sobreira@ifi.unicamp.br (FS)

While several groups try to explain these tensions through astro-
physical processes such as adding baryons in simulations (Fattahi
et al. 2016), there is also the possibility of changing the nature of
dark matter to obtain a better agreement with observations. For in-
stance, assuming that dark matter is warm instead of cold could in
principle ameliorate these tensions. A recent comparison between
the WDM and baryonic effects in the context of the too-big-to-fail
problem can be found in Lovell et al. (2017).

Regardless of these issues with simulations, the nature of the dark
matter is a fundamental question for particle physics and should be
investigated using any available probe. The aim of this paper is
to study the possibility of using the angular power spectrum of
photometric galaxy surveys to answer the question of whether dark
matter is cold or warm.

Warm dark matter (WDM) behaves very similarly to CDM at
large scales but in the early universe it decouples while still mildly
relativistic. This gives a thermal velocity to the dark matter parti-
cles and consequently a non-negligible free-streaming scale below
which perturbations are smoothed out. The tightest constraint on
the WDM particle mass comes from Lyman « (Ly «) forest from
absorption lines of distant quasars in the intergalactic medium at
high redshifts and it reaches a lower bound of mya, > 5.3keV (at
20 CL) if WDM is assumed to be a thermal relic (Ir$ic¢ et al. 2017).

In this work we study the sensitivity to the mass of a thermal
WDM nparticle using a Fisher matrix approach considering the
galaxy angular power spectrum in photometric surveys as an ob-
servable. We will use as examples the Dark Energy Survey (DES)
and a Large Synoptic Survey Telescope (LSST)-like surveys. The
ongoing DES' project is a wide area (~5000 deg?) and relatively
deep (z ~ 1.4) photometric map of the southern sky and among its
goals is the determination of the cosmological parameters using the
distribution of galaxies, weak gravitational lensing, cluster number

' www.darkenergysurvey.org
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counts and Type Ia supernovae. The LSST? is intended to be the
largest galaxy survey ever made mapping 30 000 deg” of the visi-
ble sky for z < 3 and will be able to perform a variety of studies,
including the investigation on the nature of dark energy and dark
matter.

One particular challenge we face comes from the fact that the
modifications due to WDM in the power spectrum arise at small,
non-linear scales. We adopt a halo model prescription to estimate the
power spectrum at these scales. The halo model provides a flexible
tool to model non-linear effects for a given input cosmology. It may
be used as a less computationally intensive, albeit less accurate,
alternative to full-fledged simulations in exploratory studies such
as the present one. However, we will also show results using a
numerical fit to WDM simulations.

We find our forecasts to be less restrictive than the Ly @ con-
straints, but these bounds should be pursued anyways in combina-
tion with other probes.

This paper is organized as follows. In Section 2 we review the
free-streaming mechanism for a thermal relic in the linear regime,
the halo model description of the power spectrum in the non-linear
regime and a its extension to describe WDM; in Section 3 we
develop the Fisher matrix analysis for a DES-like and a LSST-like
surveys to obtain the sensitivities on the dark matter mass and in
Section 4 we discuss our results and present our conclusions.

2 WARM DARK MATTER AND STRUCTURE
FORMATION

2.1 Linear regime

WDM, being lighter than its CDM counterpart, remains relativistic
for a longer period during the radiation dominated era and also
retains some thermal velocity at decoupling. This gives enough
time for WDM particles to diffuse out of perturbations after their
decoupling. The effect of this scenario at late times is a suppression
on structure formation below a certain scale related to the free-
streaming length of the particles, which depends on their mass.

A simple way to estimate the free-streaming length is by com-
puting the comoving length-scale that a particle can travel until
matter-radiation equality (feq) (Kolb & Turner 1990):

fea p(t)dt R edt fea y(t)dt

Ay = ~ [+ : (1
o a() 0o at)  Jug a()

where #\r is the time when WDM particles become non-relativistic.

For WDM made of a two-component fermion, the free-streaming
length can be written as:

Mydm ) —4/3 demh2
keV 0.135

1/3
hay 04 ( ) [h~" Mpc], ®)
where mygn and Qyan are the mass and density parameter of the
WDM particle, respectively. In this work we will assume that all
dark matter in the universe is warm, when calculating constraints
on its mass.

The free-streaming scale can be qualitatively illuminating but to
obtain a more accurate scenario of the WDM physics first we need
the transfer function for this type of dark matter. We work here with
the Bode, Ostriker & Turok (2001) fitting formula from Boltzmann

2www,lsst.org
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Figure 1. Linear matter power spectrum at z = 0 for WDM particle masses
of mygm = 2.0keV (dashed) and mygm = 0.5keV (dot—dashed), together
with the linear power spectrum for CDM. The vertical lines indicate the
half-mode scale for each mass.

code calculations, with revisited parameters (Viel et al. 2005):
Plin

(k)
Tw m(k) = |: Wiim
’ Pl (k)

1/2
] = [1 4 @] ", 3)

where © = 1.12 and

Mg\ 11 Qg N 7 8\ 2 |
@ = 0.049 ( o ) ( ot ) o5 ) 1 Mpe.
4

In Fig. 1 we show the linear power spectrum for WDM. We see
that, as expected, the lighter the WDM particle is, the more it will
suppress the formation of structure, since it stays relativistic for a
longer time.

The characteristic length-scale « in the parametrization of the
transfer function is closely related to the free-streaming scale A,
and we will define AST = o as an effective free-streaming scale.
This scale can be used to define a free-streaming mass-scale given
by

4 )\‘eff 3
Mfs<z)=§p<z> (g) , )

where p(z) is the mean density of the universe at a given redshift.
This free-streaming mass defines the mass-scale where the sup-
pression of structure formation occurs. Below this scale the initial
density perturbation is mostly erased.

Another useful length-scale introduced in the literature is the half-
mode scale Apy, Which corresponds to the length-scale at which the
amplitude of the WDM transfer function is suppressed to 1/2 relative
to CDM. From equation (3) we get for the half-mode scale:

—1/2u

A = 27 AT (215 — 1) ~ 148, (6)

This scale is shown as the vertical lines (kyy = 277/Anm) of Fig. 1
for WDM particles of masses #yam = 2.0 keV and mygm = 0.5 keV.
As expected this scale is larger for smaller masses.

The half-mode length-scale leads to another mass scale, called
the half-mode mass scale:

4 A 3
Min(z) = ?b(z) (%) ~ 2.7 x 10° M (2). (7

The half-mode mass scale was found from numerical simulations
to be the relevant one where WDM physics first affect the proper-

MNRAS 481, 1290-1299 (2018)
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ties of structure formation (Colin, Valenzuela & Avila-Reese 2008;
Menci, Fiore & Lamastra 2012).

2.2 Non-linear regime: the standard halo model

At low redshifts the non-linear effects of gravity become rele-
vant and modify the predictions of the linear theory. In fact, non-
linearities tend to increase the power spectrum at small scales due to
gravitational clumping. Unfortunately, it was found from numerical
simulations that not much information is retained from the linear
power spectrum with a small-scale suppression after the non-linear
growth of structure (Leo et al. 2017). This effect obviously reduces
the sensitivity to the mass of the WDM particle which causes the
suppression in the linear power spectrum in the first place.

Therefore, in order to get meaningful results, we have to take into
account the non-linear effects of gravity. One approach is by run-
ning simulations such as N-body or hydrodynamical simulations,
but these are very costly and time-consuming as they require large
computers and need to be repeated for each different cosmology.
Another strategy available is to make use of semi-analytical mod-
els such as the halo model, which gives somewhat accurate results
when compared to simulations (White 2001; Massara, Villaescusa-
Navarro & Viel 2014 ) and enables qualitative insights about struc-
ture formation at non-linear scales. We briefly recap the basics of
the standard halo model below since we will modify it slightly in
the WDM case.

The basic assumption of the halo model is that all the matter in
the universe is inside virialized dark matter objects called haloes
(Cooray & Sheth 2002; Zentner 2005). The haloes form from over-
densities in the matter density field that are greater than the critical
density 8, ~ 1.686, a parameter derived from the spherical col-
lapse (SC) model that quantifies the critical overdensity necessary
for structures to collapse. The halo model is completely determined
by three ingredients: the halo mass function, the halo density profile
and the halo bias.

The halo mass function accounts for the number density of haloes
for a given mass and redshift, and can be estimated by the number
of overdensities above the critical density at some redshift. If one
assumes that the initial fluctuations of the density field are Gaussian
one gets for the mass function (Bardeen et al. 1986)

p(2)

—v
M

where v(M, z) = 552 /o (M, z)* and o (M) is the variance of the mat-

C

ter density field given by

;—A’;(M,z)dM = f(V)%, ®)

1 -
o(M, 2 = 5— [ P()D@) Wr(kR)*k*dk,
T

47 R3

3 Ps
where D(z) is the growth function and Wr(k R) is the Fourier trans-
form of the top-hat window function in real space:

M =

C)]

3(sin(x) — x cos(x))

Wr(x) = (10)

x3

Finally, the function f(v) is

V() = 1/%6}@(—1}/2). (11

This is the Press—Schechter mass function (Press & Schechter
1974) and it gives a reasonable description of number density of
haloes when compared to simulations. Inspired by the Press &
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Schechter formalism, many mass functions (Sheth, Mo & Tormen
2001; Tinker et al. 2008) were obtained later from numerical sim-
ulations of CDM, such as the Jenkins mass function (Jenkins et al.
2001), which will be used in this work
az
) , (12)

log (t;ﬁ) + ar

where a; ~ 0.315, a, ~ 0.61 and a3 ~ 3.8. We also impose the
normalization condition,

vf(v) =aexp (—

/f(v)dv =1, (13)

where the integration is taken over vy, = v(10° M) and vy =
v(10'® M), which guarantees that all matter in the universe is inside
haloes.

The halo density profile describes how dark matter is distributed
inside a halo. Assuming spherical haloes, functions of the form

Ps
r/r)* (L +r/r)

have been widely studied in numerical simulations, where py is the
amplitude of the density profile and r, defines the scale of the halo
radius. For (o, B) = (1, 3) we have the Hernquist (Hernquist 1990)
profile and for (¢, 8) = (1, 2) we have the Navarro—Frenk—White
(NFW) (Navarro & White 1996; Navarro, Frenk & White 1997)
density profile, which will be used throughout this work.

In the case of NFW profile,

_ 180p, 3 o M\ 013
A= T it —c/+0’ T T+z\m, ’

p(r, M) = (14)

s)

where ¢ = ry;/rg is the concentration parameter, ry; is the virial
radius of the halo and M, is chosen such that v(M,, z) = 1. The
180p, factor is the average density of haloes and also comes from
the SC model, where p, is the average density of the universe when
the halo collapsed.

We will use below the normalized Fourier transform of the density
profile,

u(k|M) = / ™ drdnr? Sir}:kr) pir. M) (16)
0 r

M

As dark matter haloes are biased tracers of the real distribution of
dark matter we also need the halo bias (Mo & White 1996; Sheth &
Tormen 1999; Tinker et al. 2010). One of the most accurate halo
bias is the Tinker bias (Tinker et al. 2010),

1
b(v) =1+ o [qv +5(gv)'!

1 1
g s =01 —1/2)(gv)" ]’

where ¢ = 0.707, s = 0.35and t = 0.8.

One of the key features of the halo model is that we can separate
the physics into two different regimes: linear and non-linear scales.
At small scales we consider the interaction of elements of matter
inside the same halo to build the statistics and we call this term of
the statistics one-halo term. Similarly, considering the interaction
of matter in different haloes we describe large scales and we build
the two-halo term of the statistics. Therefore, in the halo model the
total 3D power spectrum can be written as

Pum(k, z) = Pi(k, 2) + Pan(k, 2), (18)

an
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with
Pk, z) = i/dMMZd—"(M,z) lu(k|M)|? (19)
p? dm
Pk, 2) = L (/dMMd—"(M 2 ulk| M)b(M z))2
' P2 dm '
x D(z)’ Piin(k), (20)

where we have used that in the linear regime Py, (k, z|M,, M,) ~
b1 (M1)by(M;)Prin(k, z), with Py,(k, z) the linear power spectrum
and Pyin(k, 2) = D(2)*Pyin(k, z = 0).

Notice that the linear power spectrum does not enter directly in
the one-halo term.

2.3 Halo model modifications for WDM

The halo model has proven to be a useful tool to study cosmology
at non-linear scales but it was constructed and calibrated for CDM,
as the halo mass function, density profile and halo bias all come
from N-body simulation of CDM. In order to use the halo model
for WDM one needs to make some modifications.

There are several proposals to modify the halo model for WDM in
the literature, e.g. Smith & Markovic (2011), Dunstan et al. (2011),
Marsh (2016), Schneider et al. (2012) and Schneider (2015). In
this work we are going to adopt a recent proposal by Schneider
(Schneider 2015).

First, one assumes the window function to be a 3D spherical top-
hat in Fourier space (so-called sharp-k window) instead of a top-hat
in real space. The motivation to do so comes from equation (9). If
we have a linear power spectrum that decreases more rapidly than
k=3 for large k, which is the case for WDM, we lose the sensitivity
of the variance over the power spectrum at non-linear scales with a
top-hat window function. As a consequence, the halo model would
not account for the suppression of the power at small scales. But
with a sharp-k window function W (kr) = ®(1 — kR), equation (9)
becomes

/R

(R} = L PIn (k)k>dk 1)
Osk - 2]_[2 o wdm ’
and now we have a variance that fully captures the WDM suppres-
sion. As the relation between radius and mass is not well defined

for a sharp-k window function it is useful to impose:
4 3
M= ?,O(bR) ) (22)

where b = 2.5 is fitted from simulations (Benson et al. 2012).
The concentration parameter is also modified using a generaliza-
tion of the CDM case:

M, (Z) -2
Cuam(M) = Ceam(M) (1 s ) : (23)
where the parameters y; = 15 and y, = 0.3 are adjusted from

N-body simulations (Schneider et al. 2012) and My,(z) is defined
in equation (7). We use this concentration parameter for WDM in
the NFW density profile, keeping its functional form the same as
for the CDM case.

We used the same functional form of the Tinker halo bias b(v)
in equation (17) and of the Jenkins mass function in equation (12),
but as v is different for different mqy,, through the variance, these
quantities will also depend on the mass of WDM.

For illustration we show the mass function (equation 12), con-
centration parameter (equation 23), NFW profile (equation 15), and
halo bias (equation 17) with these modifications for different WDM
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masses in Fig. 2. As expected, there is a suppression in the number
of haloes with small masses and it is stronger for lighter WDM par-
ticles, and the turnover region is close to the half-mode mass. The
concentration inside small haloes also gets smoothed in the WDM
case, and the inner density of low-mass haloes decreases faster for
smaller WDM particle masses. This effect is actually the reason for
the explanation of the core-cusp problem in WDM.

2.4 Non-linear fitting formula for WDM

Another possible way to deal with non-linear effects is to use fitting
formulas. A fitting formula for the non-linear power spectrum of
WDM was obtained from simulations. Inspired by the linear fit from
Bode et al. (2001), Viel et al. (2012) suggested a formula for the
non-linear suppression with an accuracy compared to simulations
of 2 per cent at z < 3 and masses Mygm > 0.5keV:

PIMinGk, 7) = PRSI () {1 + Bk} (24)
_ Mydm \ ~185 (1 +2z 13
B(z) = 0.0476 (1keV) ( . > , (25)

where v =3,/ =0.6 and s = 0.4.

In Fig. 3 we show the 3D power spectrum for the modified
halo model and the non-linear fitting formula, together with the
halofit (Takahashi et al. 2012) for CDM. Comparing with Fig. 1
one sees that the suppression effect of WDM is much smaller in
the non-linear power spectrum than in the linear one. This happens
because the linear power spectrum enters in the halo model directly
only in the two-halo term and non-linear effects, which increase the
power at small scales, end up by diminishing the WDM imprint. In
the bottom panel of the same figure we show the sensitivity in the
suppression of the non-linear power spectrum within the modified
halo model for two different values of the WDM mass.

The halo model predicts a higher suppression of structure at small
scales than the non-linear fitting formula from Viel. We opted for an
optimistic analysis of the WDM structure and used the halo model
with sharp-k window function to obtain the general constraints for
DES and LSST. As we will show in the following section, the
use of the Viel non-linear fitting formula results in much weaker
constraints for WDM mass.

3 FORECASTING CONSTRAINTS FOR WDM
PARTICLE MASS FROM PHOTOMETRIC
SURVEYS

We want to estimate constraints on the sensitivity to the WDM
particle mass in a DES-like and a LSST-like survey, which are wide
area photometric surveys. This class of surveys maps galaxies at
high redshifts (z ~ 1-3) but with poor radial distance resolution,
and hence one measures a 2D projection of the galaxy power spectra
at different redshift bins.

3.1 Angular power spectrum

In order to write down the angular power spectrum we need first to
project the dark matter density field §(x, z) along a given direction
of the sky using a radial selection function ¢(z), and then expand it
in Fourier modes followed by a spherical harmonics decomposition
of the plane waves. This leads to the definition of the angular power
spectrum C, (Dodelson 2003):

(aemal’m> = Sil’smm’ce’ (26)

MNRAS 481, 1290-1299 (2018)
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Figure 2. Jenkins mass function (first), concentration-mass parameter (sec-
ond), NFW density profile (third) and Tinker halo bias (fourth) for CDM
(solid lines), mygm = 2.0keV (dashed) and mygm = 0.5 keV (dot—dashed).
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Figure 3. Top: Power spectrum from Viel (dotted) and from modified Halo
model (dashed) for mygm = 0.5keV, together with CDM halofit (solid
line) at z = 0.5. Bottom: Difference between non-linear power spectrum
from modified halo model for WDM particle masses of mygm = 0.5keV
(dashed) and mygm = 2.0keV (dotted) and CDM at z = 0.5.

with

&Pk ~
g = dmi / dz(2) / Gy Ok Dl @Y, (), @7
where j, are the spherical Bessel functions of order ¢, ¢(z) is the
normalized selection function and r(z) is the comoving distance to
redshift z given by

r(z) = / o L V Qm(l+2)* + Qa.
0

H(z') Hy

(28)

If the survey is sliced into n redshift bins i the selection function
will be given by a sum in each bin:

@) = ¢i() =D _ n@Wi(), (29)
i i

where each ¢;(z) is written in terms of the number density of galax-

ies per unit solid angle and per unit redshift n(z) and a window

function

Wi(2) = O(z — 2h,)O (2 — 2) (30

that selects the ith redshift bin. However, in the case of photometric
surveys, where there are large uncertainties in redshift measurement,
we need to include the probability P(zP"|z) of assigning a true
redshift z given a measured photometric redshift z?". The probability
function for spectroscopic calibrated galaxies is usually written as
a Gaussian distribution (Ma, Hu & Huterer 2006):

(- th)z]

P = 2022

1
Vo P [ GV
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and the selection function for a photometric redshift bin i is given
by

61(2) = n(2) / T g ). 32)

P
Zmin

For DES (Crocce, Cabré & Gaztafiaga 2011; Sobreira et al. 2011)
the uncertainty in the photometric redshift is described as o(z) =
0.03(1 + z) and the galaxy redshift distribution is parametrized as

npes(z) = A (O%)zexp (—0%)1'5. 33)

For LSST o(z) = 0.05(1 + z) and n(z) is given by (Abell et al.
2009)

mssi(2) = B2 exp (=5 ) (34)

where A and B are normalization constants chosen to guarantee that

/ dz¢p(z) = N, (35)

0

where N is the total number of objects per unit solid angle of the
survey. For DES we use N = 15 arcmin~2 (Abbott et al. 2016) and
for LSST we take N = 50 arcmin—2 (Abell et al. 2009).

Since we want to analyse highly non-linear scales we are allowed
to use Limber approximation (LoVerde & Afshordi 2008) to write
the angular power spectrum as

P(2)? C+1/2
Ci=|[d Pylk=———,2], 36
! ¢ r(z)? ® r(z) ¢ (36)
where we have introduced the galaxy power spectrum
Py(k, 2) = by Pum(k, 2) &)

where Pyy is the halo model 3D matter power spectrum and b, is
the galaxy bias. As we want to give forecasts for a galaxy survey
we need to account for the relation between the dark matter and the
galaxy distributions, which can be encoded in the galaxy bias. In
general, this relation can be very complex, but we assume here for
simplicity a linear bias model with a redshift-dependent bias.?

In Fig. 4 the angular power spectra with LSST selection func-
tion at z = 0.5 for different WDM masses and CDM are shown.
In practice we used for the CDM case a myg, = 100 MeV. The
difference between the Cys for CDM and a myq, = 1 keV WDM is
about 0.3 per cent at £ = 2000 at z = 0. This difference increases for
smaller masses and at higher redshifts where the non-linear effects
are less important. In this analysis we will examine both £,,x =
1000 and 2000.

In Fig. 5 we show for illustration the resulting angular power
spectrum for a LSST-like survey for four redshift bins for mygm =
0.1 KeV compared to the ACDM case. In this case one can see large
differences of around 20 per cent even at £ = 500 for z = 1.55.

3.2 Fisher matrix analysis

The precision that can be achieved in measurements of cosmolog-
ical parameters from a given observable is encoded in the Fisher
information matrix (Amendola & Tsujikawa 2010). In the case of

3The systematic effects of baryonic feedback such as supernova explosions
and radiative cooling have been shown to be at the per cent level for the
weak lensing Cy even at large values of £ (Lin et al. 2006; Semboloni et al.
2011; Casarini et al. 2012; Mead et al. 2015) and we expect it to be of the
same order for the angular matter power spectrum.
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Figure 4. Top: Cys computed for different WDM particle masses at z = 0.5.
Bottom: percentage difference between Cys for nmygm = 1 keV and CDM =
Mydm = 100 MeV.
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Figure 5. Top: C¢s computed at four different redshifts for mygm = 0.1 keV
(dashed lines) and CDM (solid lines). Bottom: Percentage difference be-
tween Cys for mygm = 0.1keV and CDM at 2 redshifts.
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marginalized over Qy, and by. The dashed line shows the probability function for calculations done with

[ until 1000. We see that decreasing the non-linear regime in the computations has a great impact in error estimation (see Section 4). Top right: likelihood of
Qm with mv’vém and by marginalized. Bottom: the expected error ellipsis for 2, and m;(lim with by marginalized. The light blue and dark blue curves represent

a 20 and lo confidence region, respectively. All plots are DES forecasts.

the observable being the angular power spectrum the Fisher matrix
can be written as (Tegmark 1997)

aC; (€ ,
Fan =3 3 0O (0. €0)]

0 i

L 0C;()
Tops 38

where p,, are the parameters of our analysis and (C;(¢), Cj(Z')) is the
covariance matrix of the angular power spectrum for redshift bins i
and j. The estimated 1-o marginalized uncertainty on a parameter
p is then:

op =/ (FHpp (39
The parameter set chosen is p, = {mydy. Qm. b, }. From the

recent DES results (Abbott et al. ) we know that the parameters
that are most constrained by the two-point statistics of galaxies and
weak lensing are 2., and og. Therefore we choose to show our
constraints on Mgy against one of these parameters.

‘We used four redshift bins for DES forecast between 0.6 < z <
1 equally spaced with Az = 0.1. For LSST we used eight bins
also equally spaced with Az = 0.2 between 0.4 < z < 2. In the
following we will marginalize over the galaxy bias in each redshift
bin directly in the Fisher matrix framework assuming a fiducial
value of b,(z) = 1 4 0.84 z, which is estimated from simulations in
Weinberg et al. (2004).

We assumed that different bins are uncorrelated and that
measurements of C,;s are independent, which results in the
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following covariance matrix for each redshift bin i (Hinshaw
et al. 2003),

/ 2 2
(Cio), C;(0)) = ———Ci(£)"8p i, (40)

B fsky 20 +1

where we have used the f;, approximation. For DES we adopt fyy, =
1/8 and for LSST fq, = 0.485, according to the area intended to be
mapped by the surveys.

The parameters which we aim to constrain are Q,, and mg, .
We chose to work with m;}lm instead of myqy to recover our fidu-
cial ACDM model in the limit where the parameter related to the
mass of dark matter particle goes to zero rather than infinity. This
leads to numerical complications when calculating derivatives over
m;ém (as well for myqy) as the Cys becomes insensitive to small
variations close to the fiducial value for the WDM mass. This insen-
sitivity implies that small variations in the mass parameter induce
variations in the Cys that are smaller than numerical noise. We han-
dled this subtlety by calculating the numerical derivative around
the fiducial model of an interpolation function constructed with
Cys for various different WDM particle masses at each redshift
bin.

For our fiducial ACDM model we used 2, = 0.307, Q, =
0.048, Q5 =0.693, ny =0.968, w = —1, h =0.679 following
Planck results (Ade et al. 2016) and mey, = 100 MeV. The pa-
rameter constraints are shown in Fig. 6 (for DES-like surveys) and
in Fig. 7 (for LSST-like surveys).
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For DES, at lo confidence level we found a precision of
0.49 per cent in the measurement of Q,, (¢(2y,) = 0.0015). One
obtains a sensitivity to an upper limit on the inverse of the WDM
mass, which translates into a lower limit in myqgy. In this case we
obtain myg, > 126eV at lo.

For LSST, at 1o confidence level we found a precision of
0.09 percent in the measurement of Q,, (o(2,) = 0.0003). For

the WDM particle mass the lower limit found was mygy, > 647 eV
also at 1o. Fig. 8 shows the 1o error ellipse for DES and LSST for
comparison.

As pointed out at the end of Section 2 and can be seen from
Fig. 9, we get poor constraints for WDM particle mass when using
the non-linear dark matter power spectrum of Viel et al. (2012). At
lo we could place a lower limit of m gy, > 7.8 eV for the LSST.
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Figure 9. lo (dark red) and 20 (light red) error ellipse for LSST using Viel
non-linear fitting formula.

This justifies why we called the use of the Halo Model an optimistic
approach, as otherwise using a best fit from simulations gives barely
no constraints on the mass.

3.3 Combined result with weak lensing

It is interesting to compare our results with a Fisher matrix forecast
for WDM from cosmic shear power spectrum (Markovic et al.
2011). An estimated lower bound of myg, > 935 eV is obtained
from an Euclid-like weak lensing survey where they use multipoles
as large as £ = 10*. This is comparable to our estimate from a LSST-
like survey. We should also notice that there is no dependence on
the galaxy bias in this case and we assumed a diagonal covariance
matrix from weak lensing for simplicity.

The results for the combined 1o error ellipse for LSST and EU-
CLID are shown in the right panel of Fig. 8. For the combined
analysis we could place a lower limit of mygy, > 1.14keV at 1o and
a precision of 0.07 per cent in the measurement of Q, (6(2y) =
0.0002).

4 DISCUSSION

In this work we made the first estimate of constraints on the
WDM particle mass using the galaxy angular power spectrum
for a DES and a LSST-like photometric survey. We used a well-
know parametrization of the modified linear power spectrum and
a modified halo model with a sharp-k window function and a
new concentration—mass parameter based on N-body simulations
of WDM for the non-linear power spectrum.

We estimated a lower bound of myg, > 126 eV for DES and
Myam > 647 eV for LSST at 1o confidence level on the particle
mass using the angular power spectrum.

It is interesting to compare our results with a Fisher matrix fore-
cast for WDM from cosmic shear power spectrum (Markovic et al.
2011). An estimated lower bound of myg, > 645 eV is obtained
from an Euclid-like weak lensing survey where they use multipoles
as large as £ = 10*. This is comparable to our estimate from a LSST-
like survey. We should also notice that there is no dependence on
the galaxy bias in this case. For the combined probe we found a
lower limit of mygm > 1.14 keV.

Our results degrade rapidly if we leave out very small scales from
the analysis. This is expected, since as we showed above the main
differences in the power spectrum appear at small scales or large
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redshifts. We also have results for ¢ < 1000 shown in the upper
left panel of Figs. 6 and 7. In this case the bounds on the mass are
reduced to myqgm > 33 eV for DES and mygy, > 113 eV for LSST.

We should recall that there are other ways to modify the halo
model to account for WDM. One method worth mentioning is
(Schneider et al. 2012) where instead of imposing the normaliza-
tion condition in equation (13), one could add another term in the
statistics to represent the fraction of dark matter that did not collapse
into haloes due to the free-streaming of WDM particles. Then, there
would be a correlation function between the dark matter inside and
outside haloes, which has to be taken into account.

In addition to modifying the halo model, it would also be inter-
esting to consider the halo occupation distribution model (HOD).
As in practice we observe galaxies of baryonic matter instead of
dark matter; it is relevant to work with a model for the occupation
of objects inside haloes. This would improve on our naive linear
bias model. It would as well be of great importance to correctly
include baryonic effects on structure formation, once this scenario
is fully understood with the help of simulations.

Our estimated bounds are not competitive with bounds from Ly«
mentioned in the Introduction section but we think they should be
explored anyways with real data and afterwards used in combina-
tions of different probes, including CMB.
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